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stellar mass fuction
stars seem to follow a universal 
mass function at birth --> IMF

(Kroupa 2002) Orion, NGC 3603, 30 Doradus 
(Zinnecker & Yorke 2007)



stellar mass fuction
BUT: maybe variations 
with galaxy type 
(bottom heavy in the 
centers of large ellipticals)

4 M. Cappellari et al.

Figure 1. The Virial Plane and it projections. The top two panels show the two main projections of the VP in the (MJAM,σe) and (MJAM, Rmax
e ) coordinates.

Overlaid are lines of constant σe = 50, 100, 200, 300, 400, 500 km s−1 (dashed blue), constant Rmax
e = 0.1, 1, 10, 100 kpc (dot-dashed red) and constant

Σe = 108, 109, 1010, 1011 M" kpc−2 (dotted black) predicted by the virial relation. The observed (MJAM, σe, Rmax
e ) points follow the relation so closely

that the coordinates provide a unique mapping on these diagram and one can reliably infer all characteristics of the galaxies from any individual projection. In
each panel the galaxies are coloured according to the (LOESS smoothed) log(M/L)JAM, as shown in the colour bar at the bottom. Moreover in all panels the
thick red line shows the ZOE relation given by equation (3), again projected according to the virial relationMJAM = 5.0 × σ2

eR
max
e /G. While the top two

panels contain different observable quantities, the bottom two panels merely apply a coordinate transformation to the quantities in the top two panels, to show
the effective phase space density feff ≡ 1/(σRe

2) and effective mass surface density Σe ≡ MJAM/(2πRe
2). Two galaxies stand out for being significantly

above the ZOE in the (MJAM,σe) and (MJAM,Σe) projections. The top one is NGC 5845 and the bottom one is NGC 4342.

3 PROJECTIONS OF THE VIRIAL PLANE

3.1 TotalM/L variations

We have shown in Paper XIX that the existence of the FP is almost
entirely due, with good accuracy, to a virial equilibrium condition
combined with a smooth variation in M/L. Once this is clarified,
the edge-on projection of the Virial Plane becomes uninteresting
from the point of view of the study of galaxy formation, as it merely
states an equilibrium condition satisfied by galaxies and it does not
encode any memory of the formation process itself. This is in agree-
ment with previous findings with simulations (Nipoti et al. 2003;
Boylan-Kolchin et al. 2006). All information provided by scaling
relations on galaxy formation is now encoded in the non edge-on
projections of the Virial Plane, and first of all in the distribution
ofM/L on that plane. In Paper XIX we also confirmed thatM/L
correlates remarkably tightly with σe (Cappellari et al. 2006). This
is especially true (i) for slow rotators, (ii) for galaxies in clusters
and (iii) at the high-end of the σe range. Here we look at the entire

Virial Plane and try to clarify the reason for these and other galaxy
correlations.

In a classic paper Bender et al. (1992) studied the distribution
of hot stellar systems in a three-dimensional space, they called κ
space, defined in such a way that one of the axes was empirically de-
fined to lie nearly orthogonal to the plane. This made it easy to look
at both the edge-on and face-on versions of the plane. In this paper,
thanks to the availability of state-of-the-art integral-field kinemat-
ics and the construction of detailed dynamical models, we can use
mass as one of the three variables (MJAM,σe, Re). We have shown
that in these variables the plane is extremely thin and follows the
scalar virial equationMJAM = 5.0 × σ2

eR
max
e /G within our tight

errors. This implies that any projection of the plane contains the
same amount of information, except for a change of coordinates.
Instead of looking at the plane precisely face-on, we decided to con-
struct special projections that correspond to physically-meaningful
and easy-to-interpret quantities.

c© 2012 RAS, MNRAS 000, 1–25

(Cappellari et al. 2012, Nature, 484, 485, Cappellari et al. 2012ab, MNRAS, submitted, 
also van Dokkum & Conroy 2010, Nature, 468, 940,  Wegner et al. 2012, AJ, 144, 78, and others)

from JAM (Jeans anisotropic multi 
Gaussian expansion) modeling

inferred excess of low-mass stars 
compared to Kroupa IMF

   



IMF

distribution of stellar masses depends on
turbulent initial conditions 
--> mass spectrum of prestellar cloud cores
collapse and interaction of prestellar cores
--> competitive accretion and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)



IMF

distribution of stellar masses depends on
turbulent initial conditions 
--> mass spectrum of prestellar cloud cores
collapse and interaction of prestellar cores
--> competitive mass growth and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)
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ICs of star cluster formation

• key question:

- what is the initial density profile of cluster forming cores? 
how does it compare low-mass cores?

• observers answer:

- very difficult to determine!

‣ most high-mass cores have
some SF inside

‣ infra-red dark clouds 
(IRDCs) are difficult to study

- but: new results 
with Herschel

IRDC observed with Herschel, Peretto et al. (2010) 

Peretto et al.: Mapping IRDCs with Herschel
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Fig. 1. (Left): Two color image of one of the 22 IRDCs analyzed
here. The blue is the 160 µm emission while the red and the
contours show the 250 µm .(Right): Spitzer 8 µm image of the
same IRDC on which we have overlaid the Herschel 250 µm
contours.

In total, Peretto & Fuller (2009) catalogued ⇧ 450 Spitzer
IRDCs in the 2 tiles of the Hi-GAL SDP fields, 75% of these
being in the l = 30⇤ tile. Checking each of these clouds by
eye, we identified 80 to 90% of these IRDCs seen in emission
with Herschel at long wavelengths, confirming that these are real
clouds, not caused by artifacts in the Spitzer 8 µm background.
For this study, we selected a subsample of 22 IRDCs (see Fig. 1),
with sizes ranging from 40⌃⌃to 180⌃⌃,1 all large enough to contain
at least one 500 µm beam (i.e., 36⌃⌃) and with a column density
peak derived from extinction such as Npeak

H2
⌅ 3 ⇥ 1022 cm�2,

which is high enough to clearly stand out of the Hi-GAL data
background. All images were resampled to a common pixel size
of 2⌃⌃. We excluded the W43 region because of its complex back-
ground structure (Bally & et al. 2010). Our selected sample is
clearly biased towards rather large and massive IRDCs.

3. Background emission towards the IRDC

The equation governing the emission I⇥ towards an IRDC in the
optically thin case is:

I⇥ = B⇥(T IRDC
d )

⇣
1 � e�⇤

IRDC
⇥

⌘
+ Iback
⇥ e�⇤

IRDC
⇥ + Ifore

⇥ (1)

= B⇥(T IRDC
d ) ⇥ ⇤IRDC

⇥ + Ibg
⇥ , (2)

where B⇥(T IRDC
d ) is the Planck function at the temperature of

the IRDC averaged along the line of sight, ⇤IRDC
⇥ is the opac-

ity of the IRDC at the corresponding frequency, and Ibg
⇥ is the

combined background and foreground emission, which is ap-
proximately independent of ⇤IRDC

⇥ in the optically thin limit.
Equation 2 shows that to calculate the opacity and temperature
for images at a range of wavelengths, the background emission
Ibg
⇥ at each wavelength needs first to be determined.

The full images show that a significant fraction of the total
flux is from large-scale extended emission (Molinari et al. 2010).
It is important to account for this emission to reliably map the
IRDC emission because fluctuations in this background could
otherwise be interpreted as structure in the IRDC. However

1 These sizes are those derived from the extinction and given in
Peretto & Fuller (2009). The sources are systematically larger in emis-
sion because the Hi-GAL data probes lower column density material.

Reconstructed 160µm background image Original 160µm image 

Fig. 2. Comparison of the original 160 µm image (left) with
the corresponding reconstructed background image (right). The
intensity scale is the same for both images. The reconstructed
background image has been smoothed to 36⌃⌃, the common reso-
lution used in for the SED fitting (cf Sects. 4 and 5). The contour
corresponds to the limit between IRDC and background derived
from the 500 µm data.

defining the background structure is not trivial. Since the cir-
rus noise decreases towards longer wavelengths (Gautier et al.
1992), we used the 500 µm image to define the boundaries of
each IRDC (The 350µm data, which are very similar but have
higherr angular resolution, were also used to confirm the bound-
ary of each IRDC.) The pixel flux distribution at 500 µm toward
IRDCs shows in most cases a well defined peak at low fluxes
and extended tail at larger fluxes corresponding to the IRDC.
The level to separate the background and IRDC was chosen to
be one standard deviation above the peak value, the standard de-
viation being calculated from only those pixels below the peak.
This procedure allows us to identify the pixels in the image as-
sociated with the IRDC, and those pixels containing only back-
ground emission (Fig. 2). This procedure works well, even for
small IRDCs, provided there are su⇥cient pixels to characterize
the background emission.

To take the background fluctuations into account, we recon-
structed at all wavelengths background images by interpolating
the background pixels at the position of the IRDC pixels. After
experimenting with various interpolation methods, we decided
to use an interpolation based on the nearest neighbors. However,
the interpolation method has little impact on the global physi-
cal properties since flux uncertainties are dominated by cirrus
noise at short wavelengths (cf. next paragraph) and calibration
uncertainties at longer wavelengths. In Fig. 2, we show the re-
constructed background images of the IRDC at 160 µm as well
as the original image on the same intensity scale. The most sig-
nificant feature of this background image is the important de-
crease in intensity on the left part of the image (as also seen at
250 µm ; Fig. 1), which is recovered well on the reconstructed
background image.

Uncertainties in these background images are obviously
higher at the center of the IRDCs, where pixels are further away
from a background pixel. To estimate this uncertainty, we com-
puted a two point flux di�erence for all background pixels as a
function of their angular separation, and this at each wavelength
(Fig. 3). As observed for all IRDCs, the uncertainties are much
higher at 160 µm than at 500 µm , justifying our choice of choos-
ing the latter for defining the IRDC boundaries. When the uncer-
tainties computed this way are higher than the 20% calibration
uncertainty, we used them on the flux measurement when per-
forming pixel by pixel SED fitting (cf. Sect. 4).

2



different density profiles

• key question:

- what is the initial density profile of cluster forming 
cores? how does it compare low-mass cores?

• theorists answer:

- top hat (Larson Penston)

- Bonnor Ebert (like low-mass cores)

- power law ρ∝r -1 (logotrop)

- power law ρ∝r -3/2 (Krumholz, McKee, etc)

- power law ρ∝r -2 (Shu)

- and many more



different density profiles

• does the density profile matter?
.
.
.

• in comparison to 

- turbulence ...

- radiative feedback ...

- magnetic fields ...

- thermodynamics ...



different density profiles

• address question in simple numerical experiment

• perform extensive parameter study

- different profiles (top hat, BE, r-3/2, r-3)

- different turbulence fields

‣ different realizations

‣ different Mach numbers 

‣ solenoidal turbulence
dilatational turbulence
both modes

- no net rotation, no B-fields 
(at the moment)

Girichids, Federrath, Banerjee, Klessen (2011abc)



Girichids et al. (2011abc)



for the r-2 profile you need to crank up 
turbulence a lot to get some fragmentation!

M=3 M=6 M=12 M=18

Girichids et al. (2011abc)



ICs with flat inner density profile form 
more fragments

Girichids et al. (2011abc)

number of 
protostars



however, the real situation is very complex: 
details of the initial turbulent field matter 

Girichids et al. (2011abc)

number of 
protostars

very high Mach numbers are needed to make
SIS fragment



different density profiles

• different density profiles lead to very different 
fragmentation behavior

• fragmentation is strongly suppressed for very 
peaked, power-law profiles

• this is good, because it may explain some of the 
theoretical controversy, we have in the field  

• this is bad, because all current calculations are 
“wrong” in the sense that the formation process of 
the star-forming core is neglected. 

Girichids et al. (2011abc)



IMF

distribution of stellar masses depends on
turbulent initial conditions 
--> mass spectrum of prestellar cloud cores
collapse and interaction of prestellar cores
--> competitive accretion and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN

(e.g. Larson 2003, Prog. Rep. Phys.; Mac Low & Klessen, 2004, Rev. Mod. Phys, 76, 125 - 194)



dependency on EOS

• degree of fragmentation depends on EOS!

• polytropic EOS: p ∝ργ
•  γ<1: dense cluster of low-mass stars
• γ>1: isolated high-mass stars
•   (see Li, Klessen, & Mac Low 2003, ApJ, 592, 975; also Kawachi & Hanawa 1998, Larson 2003)



dependency on EOS

(from Li, Klessen, & Mac Low 2003, ApJ, 592, 975)

γ=0.2 γ=1.0 γ=1.2

for γ<1 fragmentation is enhanced  cluster of low-mass stars
for γ>1 it is suppressed  formation of isolated massive stars



 (1)  p ∝ ργ        ρ ∝ p1/ γ 

 (2)  Mjeans ∝ γ3/2 ρ(3γ-4)/2 

how does that work?

• γ<1:  large density excursion for given pressure 
    〈Mjeans〉 becomes small

   number of fluctuations with M > Mjeans is large

• γ>1:  small density excursion for given pressure
   〈Mjeans〉 is large
   only few and massive clumps exceed Mjeans



EOS in different 

environments
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Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
Z/Z! = 0, 10−6, 10−5, 10−4, 10−3, 10−2, 10−1, and 1, as functions of the
number density, which is calculated by one-zone models. The dashed lines
indicate the constant Jeans masses. For those above 102 M! (below 1 M!), the
gas is assumed to be fully atomic (molecular) in drawing those lines.
(A color version of this figure is available in the online journal.)

3. PRESTELLAR COLLAPSE

Figure 2 presents the temperature evolution at the center of
the prestellar cores as a function of the number density. The
overall evolution is quite similar to that calculated by the one-
zone model (Figure 1), justifying the one-zone treatment for
the core evolution. There are, however, small disagreements,
in particular, at high densities and for low-metallicity cases.
We defer detailed discussion on these differences to later in
Section 3.4, but here describe which thermal processes control
the temperature evolution at each metallicity. The contribution
to the cooling and heating rates by individual processes are
presented in Figure 3 for different metallicities. This should be
compared with Figure 2 of O05, where similar plots for the
one-zone models are presented. In Figure 5, the effective ratio
of specific heat at the center, γ = d lnp/d lnρ, which gives
the variation of pressure in response to the density variation,
is shown for those cases. Note that γ − 1 equals the gradient
of the curve in Figure 2 for constant molecular weight. The
effective ratio of specific heat is an important index to examine
the dynamical response of self-gravitating clouds to thermal
evolution. For example, the clouds easily fragment as long as
γ < 1, while fragmentation is strongly prohibited for γ > 1 (Li
et al. 2003). Another critical value is γ = 4/3. If γ exceeds
this value, the dynamical collapse is halted as the pressure
overcoming the gravity, and a hydrostatic object is formed.

3.1. Thermal Evolution in the Metal-free Case

In this section, we review thermal evolution of the cloud core
of a metal-free gas. We then describe the effects of metallicity
later in Section 3.2. We focus on deviations from the metal-free
case. In the case of metallicity [M/H] = −6, metallicity effects
are so small that the temperature evolution is almost identical to
the metal-free one except for a slight offset at highest densities
(!1020 cm−3).

Let us summarize here the formation processes of H2, which
play a crucial role in the thermal evolution. The evolution of H2
concentrations is presented in Figure 4, along with those in the
cases with metals. Below ∼108 cm−3, H2 is formed by the H−
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Figure 2. Evolution of temperatures at the center of cloud cores during the
prestellar collapse for various metallicities. This is calculated by one-zone
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models
for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

H + e → H− + γ , (9)
H− + H → H2 + e, (10)

catalyzed by a small amount of remaining electrons. With
their recombination proceeding, the H− channel is quenched
and the amount of formed H2 saturates at ∼10−3 (Figure 4).
After this plateau, the H2 abundance begins to increase again at
∼108 cm−3 via the three-body H2 formation:

2H + H → H2 + H (11)

and
2H + H2 → H2 + H2. (12)

All the hydrogen is converted to the molecular form via this
channel by the density ∼1011 cm−3.

Next, let us see the cooling and heating processes
(Figure 3(a)). Until very high density ∼1019–1020 cm−3 is
reached, cooling and heating are always almost balanced, so
that the evolution is nearly isothermal with temperature differ-
ing only by a small factor whereas density increases by many
orders of magnitudes. The effective ratio of specific heat γ re-
mains below 4/3, but is above 1 in this period except for brief
intervals around 109 cm−3 and 1011 cm−3, where γ falls slightly
below unity (Figure 5(a)). The heating is owing to the compres-
sion, but for 109–1012 cm−3, where the H2-formation heating
associated with the three-body reaction (Equation (11) below)
dominates. For the cooling, the H2-line emission contributes
most until ∼1013 cm−3, although some lines become optically
thick at ∼1011 cm−3 and this suppresses the cooling rate grad-
ually toward a higher density. The steep decline of the H2 line-
cooling rate at 1016 cm−3 is due to the H2 collision-induced
continuum absorption. Another molecular species in the metal-
free gas, HD, is known to play an important role in cooling
if a metal-free gas is once ionized (Uehara & Inutsuka 2000;
Nagakura & Omukai 2005; Greif & Bromm 2006; Yoshida et al.
2007; McGreer & Bryan 2008). In our case, however, it only
contributes comparably to H2 at a brief period at ∼104 cm−3.

With gradual increase of temperature, the balance of chemical
equilibrium between the H2 formation (Equation (11)) and its

EOS as function of metallicity

(Omukai et al. 2005, 2010)
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Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
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number density, which is calculated by one-zone models. The dashed lines
indicate the constant Jeans masses. For those above 102 M! (below 1 M!), the
gas is assumed to be fully atomic (molecular) in drawing those lines.
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3. PRESTELLAR COLLAPSE

Figure 2 presents the temperature evolution at the center of
the prestellar cores as a function of the number density. The
overall evolution is quite similar to that calculated by the one-
zone model (Figure 1), justifying the one-zone treatment for
the core evolution. There are, however, small disagreements,
in particular, at high densities and for low-metallicity cases.
We defer detailed discussion on these differences to later in
Section 3.4, but here describe which thermal processes control
the temperature evolution at each metallicity. The contribution
to the cooling and heating rates by individual processes are
presented in Figure 3 for different metallicities. This should be
compared with Figure 2 of O05, where similar plots for the
one-zone models are presented. In Figure 5, the effective ratio
of specific heat at the center, γ = d lnp/d lnρ, which gives
the variation of pressure in response to the density variation,
is shown for those cases. Note that γ − 1 equals the gradient
of the curve in Figure 2 for constant molecular weight. The
effective ratio of specific heat is an important index to examine
the dynamical response of self-gravitating clouds to thermal
evolution. For example, the clouds easily fragment as long as
γ < 1, while fragmentation is strongly prohibited for γ > 1 (Li
et al. 2003). Another critical value is γ = 4/3. If γ exceeds
this value, the dynamical collapse is halted as the pressure
overcoming the gravity, and a hydrostatic object is formed.

3.1. Thermal Evolution in the Metal-free Case

In this section, we review thermal evolution of the cloud core
of a metal-free gas. We then describe the effects of metallicity
later in Section 3.2. We focus on deviations from the metal-free
case. In the case of metallicity [M/H] = −6, metallicity effects
are so small that the temperature evolution is almost identical to
the metal-free one except for a slight offset at highest densities
(!1020 cm−3).

Let us summarize here the formation processes of H2, which
play a crucial role in the thermal evolution. The evolution of H2
concentrations is presented in Figure 4, along with those in the
cases with metals. Below ∼108 cm−3, H2 is formed by the H−
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Figure 2. Evolution of temperatures at the center of cloud cores during the
prestellar collapse for various metallicities. This is calculated by one-zone
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models
for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

H + e → H− + γ , (9)
H− + H → H2 + e, (10)

catalyzed by a small amount of remaining electrons. With
their recombination proceeding, the H− channel is quenched
and the amount of formed H2 saturates at ∼10−3 (Figure 4).
After this plateau, the H2 abundance begins to increase again at
∼108 cm−3 via the three-body H2 formation:

2H + H → H2 + H (11)

and
2H + H2 → H2 + H2. (12)

All the hydrogen is converted to the molecular form via this
channel by the density ∼1011 cm−3.

Next, let us see the cooling and heating processes
(Figure 3(a)). Until very high density ∼1019–1020 cm−3 is
reached, cooling and heating are always almost balanced, so
that the evolution is nearly isothermal with temperature differ-
ing only by a small factor whereas density increases by many
orders of magnitudes. The effective ratio of specific heat γ re-
mains below 4/3, but is above 1 in this period except for brief
intervals around 109 cm−3 and 1011 cm−3, where γ falls slightly
below unity (Figure 5(a)). The heating is owing to the compres-
sion, but for 109–1012 cm−3, where the H2-formation heating
associated with the three-body reaction (Equation (11) below)
dominates. For the cooling, the H2-line emission contributes
most until ∼1013 cm−3, although some lines become optically
thick at ∼1011 cm−3 and this suppresses the cooling rate grad-
ually toward a higher density. The steep decline of the H2 line-
cooling rate at 1016 cm−3 is due to the H2 collision-induced
continuum absorption. Another molecular species in the metal-
free gas, HD, is known to play an important role in cooling
if a metal-free gas is once ionized (Uehara & Inutsuka 2000;
Nagakura & Omukai 2005; Greif & Bromm 2006; Yoshida et al.
2007; McGreer & Bryan 2008). In our case, however, it only
contributes comparably to H2 at a brief period at ∼104 cm−3.

With gradual increase of temperature, the balance of chemical
equilibrium between the H2 formation (Equation (11)) and its

EOS as function of metallicity

(Omukai et al. 2005, 2010)

τ	  =	  1



1796 OMUKAI, HOSOKAWA, & YOSHIDA Vol. 722

 1

 10

 100

 1000

 10000

 0  5  10  15  20

te
m

pe
ra

tu
re

 T
(K

)

number density log (nH (cm-3))

106Msun 104Msun 102Msun 1Msun 10-2Msun

10-4Msun

Z=0
[M/H]=-6

-5
-4
-3
-2
-1
0

Figure 1. Evolution of temperatures in prestellar cloud cores with metallicities
Z/Z! = 0, 10−6, 10−5, 10−4, 10−3, 10−2, 10−1, and 1, as functions of the
number density, which is calculated by one-zone models. The dashed lines
indicate the constant Jeans masses. For those above 102 M! (below 1 M!), the
gas is assumed to be fully atomic (molecular) in drawing those lines.
(A color version of this figure is available in the online journal.)

3. PRESTELLAR COLLAPSE

Figure 2 presents the temperature evolution at the center of
the prestellar cores as a function of the number density. The
overall evolution is quite similar to that calculated by the one-
zone model (Figure 1), justifying the one-zone treatment for
the core evolution. There are, however, small disagreements,
in particular, at high densities and for low-metallicity cases.
We defer detailed discussion on these differences to later in
Section 3.4, but here describe which thermal processes control
the temperature evolution at each metallicity. The contribution
to the cooling and heating rates by individual processes are
presented in Figure 3 for different metallicities. This should be
compared with Figure 2 of O05, where similar plots for the
one-zone models are presented. In Figure 5, the effective ratio
of specific heat at the center, γ = d lnp/d lnρ, which gives
the variation of pressure in response to the density variation,
is shown for those cases. Note that γ − 1 equals the gradient
of the curve in Figure 2 for constant molecular weight. The
effective ratio of specific heat is an important index to examine
the dynamical response of self-gravitating clouds to thermal
evolution. For example, the clouds easily fragment as long as
γ < 1, while fragmentation is strongly prohibited for γ > 1 (Li
et al. 2003). Another critical value is γ = 4/3. If γ exceeds
this value, the dynamical collapse is halted as the pressure
overcoming the gravity, and a hydrostatic object is formed.

3.1. Thermal Evolution in the Metal-free Case

In this section, we review thermal evolution of the cloud core
of a metal-free gas. We then describe the effects of metallicity
later in Section 3.2. We focus on deviations from the metal-free
case. In the case of metallicity [M/H] = −6, metallicity effects
are so small that the temperature evolution is almost identical to
the metal-free one except for a slight offset at highest densities
(!1020 cm−3).

Let us summarize here the formation processes of H2, which
play a crucial role in the thermal evolution. The evolution of H2
concentrations is presented in Figure 4, along with those in the
cases with metals. Below ∼108 cm−3, H2 is formed by the H−
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channel:

H + e → H− + γ , (9)
H− + H → H2 + e, (10)

catalyzed by a small amount of remaining electrons. With
their recombination proceeding, the H− channel is quenched
and the amount of formed H2 saturates at ∼10−3 (Figure 4).
After this plateau, the H2 abundance begins to increase again at
∼108 cm−3 via the three-body H2 formation:

2H + H → H2 + H (11)

and
2H + H2 → H2 + H2. (12)

All the hydrogen is converted to the molecular form via this
channel by the density ∼1011 cm−3.

Next, let us see the cooling and heating processes
(Figure 3(a)). Until very high density ∼1019–1020 cm−3 is
reached, cooling and heating are always almost balanced, so
that the evolution is nearly isothermal with temperature differ-
ing only by a small factor whereas density increases by many
orders of magnitudes. The effective ratio of specific heat γ re-
mains below 4/3, but is above 1 in this period except for brief
intervals around 109 cm−3 and 1011 cm−3, where γ falls slightly
below unity (Figure 5(a)). The heating is owing to the compres-
sion, but for 109–1012 cm−3, where the H2-formation heating
associated with the three-body reaction (Equation (11) below)
dominates. For the cooling, the H2-line emission contributes
most until ∼1013 cm−3, although some lines become optically
thick at ∼1011 cm−3 and this suppresses the cooling rate grad-
ually toward a higher density. The steep decline of the H2 line-
cooling rate at 1016 cm−3 is due to the H2 collision-induced
continuum absorption. Another molecular species in the metal-
free gas, HD, is known to play an important role in cooling
if a metal-free gas is once ionized (Uehara & Inutsuka 2000;
Nagakura & Omukai 2005; Greif & Bromm 2006; Yoshida et al.
2007; McGreer & Bryan 2008). In our case, however, it only
contributes comparably to H2 at a brief period at ∼104 cm−3.

With gradual increase of temperature, the balance of chemical
equilibrium between the H2 formation (Equation (11)) and its

EOS as function of metallicity

(Omukai et al. 2005, 2010)
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3. PRESTELLAR COLLAPSE

Figure 2 presents the temperature evolution at the center of
the prestellar cores as a function of the number density. The
overall evolution is quite similar to that calculated by the one-
zone model (Figure 1), justifying the one-zone treatment for
the core evolution. There are, however, small disagreements,
in particular, at high densities and for low-metallicity cases.
We defer detailed discussion on these differences to later in
Section 3.4, but here describe which thermal processes control
the temperature evolution at each metallicity. The contribution
to the cooling and heating rates by individual processes are
presented in Figure 3 for different metallicities. This should be
compared with Figure 2 of O05, where similar plots for the
one-zone models are presented. In Figure 5, the effective ratio
of specific heat at the center, γ = d lnp/d lnρ, which gives
the variation of pressure in response to the density variation,
is shown for those cases. Note that γ − 1 equals the gradient
of the curve in Figure 2 for constant molecular weight. The
effective ratio of specific heat is an important index to examine
the dynamical response of self-gravitating clouds to thermal
evolution. For example, the clouds easily fragment as long as
γ < 1, while fragmentation is strongly prohibited for γ > 1 (Li
et al. 2003). Another critical value is γ = 4/3. If γ exceeds
this value, the dynamical collapse is halted as the pressure
overcoming the gravity, and a hydrostatic object is formed.

3.1. Thermal Evolution in the Metal-free Case

In this section, we review thermal evolution of the cloud core
of a metal-free gas. We then describe the effects of metallicity
later in Section 3.2. We focus on deviations from the metal-free
case. In the case of metallicity [M/H] = −6, metallicity effects
are so small that the temperature evolution is almost identical to
the metal-free one except for a slight offset at highest densities
(!1020 cm−3).

Let us summarize here the formation processes of H2, which
play a crucial role in the thermal evolution. The evolution of H2
concentrations is presented in Figure 4, along with those in the
cases with metals. Below ∼108 cm−3, H2 is formed by the H−
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Figure 2. Evolution of temperatures at the center of cloud cores during the
prestellar collapse for various metallicities. This is calculated by one-zone
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models
for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

H + e → H− + γ , (9)
H− + H → H2 + e, (10)

catalyzed by a small amount of remaining electrons. With
their recombination proceeding, the H− channel is quenched
and the amount of formed H2 saturates at ∼10−3 (Figure 4).
After this plateau, the H2 abundance begins to increase again at
∼108 cm−3 via the three-body H2 formation:

2H + H → H2 + H (11)

and
2H + H2 → H2 + H2. (12)

All the hydrogen is converted to the molecular form via this
channel by the density ∼1011 cm−3.

Next, let us see the cooling and heating processes
(Figure 3(a)). Until very high density ∼1019–1020 cm−3 is
reached, cooling and heating are always almost balanced, so
that the evolution is nearly isothermal with temperature differ-
ing only by a small factor whereas density increases by many
orders of magnitudes. The effective ratio of specific heat γ re-
mains below 4/3, but is above 1 in this period except for brief
intervals around 109 cm−3 and 1011 cm−3, where γ falls slightly
below unity (Figure 5(a)). The heating is owing to the compres-
sion, but for 109–1012 cm−3, where the H2-formation heating
associated with the three-body reaction (Equation (11) below)
dominates. For the cooling, the H2-line emission contributes
most until ∼1013 cm−3, although some lines become optically
thick at ∼1011 cm−3 and this suppresses the cooling rate grad-
ually toward a higher density. The steep decline of the H2 line-
cooling rate at 1016 cm−3 is due to the H2 collision-induced
continuum absorption. Another molecular species in the metal-
free gas, HD, is known to play an important role in cooling
if a metal-free gas is once ionized (Uehara & Inutsuka 2000;
Nagakura & Omukai 2005; Greif & Bromm 2006; Yoshida et al.
2007; McGreer & Bryan 2008). In our case, however, it only
contributes comparably to H2 at a brief period at ∼104 cm−3.

With gradual increase of temperature, the balance of chemical
equilibrium between the H2 formation (Equation (11)) and its

EOS as function of metallicity

(Omukai et al. 2005, 2010)
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3. PRESTELLAR COLLAPSE

Figure 2 presents the temperature evolution at the center of
the prestellar cores as a function of the number density. The
overall evolution is quite similar to that calculated by the one-
zone model (Figure 1), justifying the one-zone treatment for
the core evolution. There are, however, small disagreements,
in particular, at high densities and for low-metallicity cases.
We defer detailed discussion on these differences to later in
Section 3.4, but here describe which thermal processes control
the temperature evolution at each metallicity. The contribution
to the cooling and heating rates by individual processes are
presented in Figure 3 for different metallicities. This should be
compared with Figure 2 of O05, where similar plots for the
one-zone models are presented. In Figure 5, the effective ratio
of specific heat at the center, γ = d lnp/d lnρ, which gives
the variation of pressure in response to the density variation,
is shown for those cases. Note that γ − 1 equals the gradient
of the curve in Figure 2 for constant molecular weight. The
effective ratio of specific heat is an important index to examine
the dynamical response of self-gravitating clouds to thermal
evolution. For example, the clouds easily fragment as long as
γ < 1, while fragmentation is strongly prohibited for γ > 1 (Li
et al. 2003). Another critical value is γ = 4/3. If γ exceeds
this value, the dynamical collapse is halted as the pressure
overcoming the gravity, and a hydrostatic object is formed.

3.1. Thermal Evolution in the Metal-free Case

In this section, we review thermal evolution of the cloud core
of a metal-free gas. We then describe the effects of metallicity
later in Section 3.2. We focus on deviations from the metal-free
case. In the case of metallicity [M/H] = −6, metallicity effects
are so small that the temperature evolution is almost identical to
the metal-free one except for a slight offset at highest densities
(!1020 cm−3).

Let us summarize here the formation processes of H2, which
play a crucial role in the thermal evolution. The evolution of H2
concentrations is presented in Figure 4, along with those in the
cases with metals. Below ∼108 cm−3, H2 is formed by the H−
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Figure 2. Evolution of temperatures at the center of cloud cores during the
prestellar collapse for various metallicities. This is calculated by one-zone
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models
for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

H + e → H− + γ , (9)
H− + H → H2 + e, (10)

catalyzed by a small amount of remaining electrons. With
their recombination proceeding, the H− channel is quenched
and the amount of formed H2 saturates at ∼10−3 (Figure 4).
After this plateau, the H2 abundance begins to increase again at
∼108 cm−3 via the three-body H2 formation:

2H + H → H2 + H (11)

and
2H + H2 → H2 + H2. (12)

All the hydrogen is converted to the molecular form via this
channel by the density ∼1011 cm−3.

Next, let us see the cooling and heating processes
(Figure 3(a)). Until very high density ∼1019–1020 cm−3 is
reached, cooling and heating are always almost balanced, so
that the evolution is nearly isothermal with temperature differ-
ing only by a small factor whereas density increases by many
orders of magnitudes. The effective ratio of specific heat γ re-
mains below 4/3, but is above 1 in this period except for brief
intervals around 109 cm−3 and 1011 cm−3, where γ falls slightly
below unity (Figure 5(a)). The heating is owing to the compres-
sion, but for 109–1012 cm−3, where the H2-formation heating
associated with the three-body reaction (Equation (11) below)
dominates. For the cooling, the H2-line emission contributes
most until ∼1013 cm−3, although some lines become optically
thick at ∼1011 cm−3 and this suppresses the cooling rate grad-
ually toward a higher density. The steep decline of the H2 line-
cooling rate at 1016 cm−3 is due to the H2 collision-induced
continuum absorption. Another molecular species in the metal-
free gas, HD, is known to play an important role in cooling
if a metal-free gas is once ionized (Uehara & Inutsuka 2000;
Nagakura & Omukai 2005; Greif & Bromm 2006; Yoshida et al.
2007; McGreer & Bryan 2008). In our case, however, it only
contributes comparably to H2 at a brief period at ∼104 cm−3.

With gradual increase of temperature, the balance of chemical
equilibrium between the H2 formation (Equation (11)) and its

EOS as function of metallicity

(Omukai et al. 2005, 2010)
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gas is assumed to be fully atomic (molecular) in drawing those lines.
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3. PRESTELLAR COLLAPSE

Figure 2 presents the temperature evolution at the center of
the prestellar cores as a function of the number density. The
overall evolution is quite similar to that calculated by the one-
zone model (Figure 1), justifying the one-zone treatment for
the core evolution. There are, however, small disagreements,
in particular, at high densities and for low-metallicity cases.
We defer detailed discussion on these differences to later in
Section 3.4, but here describe which thermal processes control
the temperature evolution at each metallicity. The contribution
to the cooling and heating rates by individual processes are
presented in Figure 3 for different metallicities. This should be
compared with Figure 2 of O05, where similar plots for the
one-zone models are presented. In Figure 5, the effective ratio
of specific heat at the center, γ = d lnp/d lnρ, which gives
the variation of pressure in response to the density variation,
is shown for those cases. Note that γ − 1 equals the gradient
of the curve in Figure 2 for constant molecular weight. The
effective ratio of specific heat is an important index to examine
the dynamical response of self-gravitating clouds to thermal
evolution. For example, the clouds easily fragment as long as
γ < 1, while fragmentation is strongly prohibited for γ > 1 (Li
et al. 2003). Another critical value is γ = 4/3. If γ exceeds
this value, the dynamical collapse is halted as the pressure
overcoming the gravity, and a hydrostatic object is formed.

3.1. Thermal Evolution in the Metal-free Case

In this section, we review thermal evolution of the cloud core
of a metal-free gas. We then describe the effects of metallicity
later in Section 3.2. We focus on deviations from the metal-free
case. In the case of metallicity [M/H] = −6, metallicity effects
are so small that the temperature evolution is almost identical to
the metal-free one except for a slight offset at highest densities
(!1020 cm−3).

Let us summarize here the formation processes of H2, which
play a crucial role in the thermal evolution. The evolution of H2
concentrations is presented in Figure 4, along with those in the
cases with metals. Below ∼108 cm−3, H2 is formed by the H−

 1

 10

 100

 1000

 10000

 0  5  10  15  20

te
m

pe
ra

tu
re

 T
(K

)

number density log (nH (cm-3))

106Msun 104Msun 102Msun 1Msun 10-2Msun

10-4Msun

Z=0
[M/H]=-6

-5
-4
-3
-2
-1
0

Figure 2. Evolution of temperatures at the center of cloud cores during the
prestellar collapse for various metallicities. This is calculated by one-zone
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models
for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

H + e → H− + γ , (9)
H− + H → H2 + e, (10)

catalyzed by a small amount of remaining electrons. With
their recombination proceeding, the H− channel is quenched
and the amount of formed H2 saturates at ∼10−3 (Figure 4).
After this plateau, the H2 abundance begins to increase again at
∼108 cm−3 via the three-body H2 formation:

2H + H → H2 + H (11)

and
2H + H2 → H2 + H2. (12)

All the hydrogen is converted to the molecular form via this
channel by the density ∼1011 cm−3.

Next, let us see the cooling and heating processes
(Figure 3(a)). Until very high density ∼1019–1020 cm−3 is
reached, cooling and heating are always almost balanced, so
that the evolution is nearly isothermal with temperature differ-
ing only by a small factor whereas density increases by many
orders of magnitudes. The effective ratio of specific heat γ re-
mains below 4/3, but is above 1 in this period except for brief
intervals around 109 cm−3 and 1011 cm−3, where γ falls slightly
below unity (Figure 5(a)). The heating is owing to the compres-
sion, but for 109–1012 cm−3, where the H2-formation heating
associated with the three-body reaction (Equation (11) below)
dominates. For the cooling, the H2-line emission contributes
most until ∼1013 cm−3, although some lines become optically
thick at ∼1011 cm−3 and this suppresses the cooling rate grad-
ually toward a higher density. The steep decline of the H2 line-
cooling rate at 1016 cm−3 is due to the H2 collision-induced
continuum absorption. Another molecular species in the metal-
free gas, HD, is known to play an important role in cooling
if a metal-free gas is once ionized (Uehara & Inutsuka 2000;
Nagakura & Omukai 2005; Greif & Bromm 2006; Yoshida et al.
2007; McGreer & Bryan 2008). In our case, however, it only
contributes comparably to H2 at a brief period at ∼104 cm−3.

With gradual increase of temperature, the balance of chemical
equilibrium between the H2 formation (Equation (11)) and its

(Omukai et al. 2005, 2010)

EOS as function of metallicity
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(A color version of this figure is available in the online journal.)

3. PRESTELLAR COLLAPSE

Figure 2 presents the temperature evolution at the center of
the prestellar cores as a function of the number density. The
overall evolution is quite similar to that calculated by the one-
zone model (Figure 1), justifying the one-zone treatment for
the core evolution. There are, however, small disagreements,
in particular, at high densities and for low-metallicity cases.
We defer detailed discussion on these differences to later in
Section 3.4, but here describe which thermal processes control
the temperature evolution at each metallicity. The contribution
to the cooling and heating rates by individual processes are
presented in Figure 3 for different metallicities. This should be
compared with Figure 2 of O05, where similar plots for the
one-zone models are presented. In Figure 5, the effective ratio
of specific heat at the center, γ = d lnp/d lnρ, which gives
the variation of pressure in response to the density variation,
is shown for those cases. Note that γ − 1 equals the gradient
of the curve in Figure 2 for constant molecular weight. The
effective ratio of specific heat is an important index to examine
the dynamical response of self-gravitating clouds to thermal
evolution. For example, the clouds easily fragment as long as
γ < 1, while fragmentation is strongly prohibited for γ > 1 (Li
et al. 2003). Another critical value is γ = 4/3. If γ exceeds
this value, the dynamical collapse is halted as the pressure
overcoming the gravity, and a hydrostatic object is formed.

3.1. Thermal Evolution in the Metal-free Case

In this section, we review thermal evolution of the cloud core
of a metal-free gas. We then describe the effects of metallicity
later in Section 3.2. We focus on deviations from the metal-free
case. In the case of metallicity [M/H] = −6, metallicity effects
are so small that the temperature evolution is almost identical to
the metal-free one except for a slight offset at highest densities
(!1020 cm−3).

Let us summarize here the formation processes of H2, which
play a crucial role in the thermal evolution. The evolution of H2
concentrations is presented in Figure 4, along with those in the
cases with metals. Below ∼108 cm−3, H2 is formed by the H−
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Figure 2. Evolution of temperatures at the center of cloud cores during the
prestellar collapse for various metallicities. This is calculated by one-zone
model until 104 cm−3 (dotted vertical line) and by hydrodynamical models
for the higher density. The constant Jeans masses are indicated by the dashed
lines.
(A color version of this figure is available in the online journal.)

channel:

H + e → H− + γ , (9)
H− + H → H2 + e, (10)

catalyzed by a small amount of remaining electrons. With
their recombination proceeding, the H− channel is quenched
and the amount of formed H2 saturates at ∼10−3 (Figure 4).
After this plateau, the H2 abundance begins to increase again at
∼108 cm−3 via the three-body H2 formation:

2H + H → H2 + H (11)

and
2H + H2 → H2 + H2. (12)

All the hydrogen is converted to the molecular form via this
channel by the density ∼1011 cm−3.

Next, let us see the cooling and heating processes
(Figure 3(a)). Until very high density ∼1019–1020 cm−3 is
reached, cooling and heating are always almost balanced, so
that the evolution is nearly isothermal with temperature differ-
ing only by a small factor whereas density increases by many
orders of magnitudes. The effective ratio of specific heat γ re-
mains below 4/3, but is above 1 in this period except for brief
intervals around 109 cm−3 and 1011 cm−3, where γ falls slightly
below unity (Figure 5(a)). The heating is owing to the compres-
sion, but for 109–1012 cm−3, where the H2-formation heating
associated with the three-body reaction (Equation (11) below)
dominates. For the cooling, the H2-line emission contributes
most until ∼1013 cm−3, although some lines become optically
thick at ∼1011 cm−3 and this suppresses the cooling rate grad-
ually toward a higher density. The steep decline of the H2 line-
cooling rate at 1016 cm−3 is due to the H2 collision-induced
continuum absorption. Another molecular species in the metal-
free gas, HD, is known to play an important role in cooling
if a metal-free gas is once ionized (Uehara & Inutsuka 2000;
Nagakura & Omukai 2005; Greif & Bromm 2006; Yoshida et al.
2007; McGreer & Bryan 2008). In our case, however, it only
contributes comparably to H2 at a brief period at ∼104 cm−3.

With gradual increase of temperature, the balance of chemical
equilibrium between the H2 formation (Equation (11)) and its
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two competing models:
• cooling due to atomic fine-

structure lines (Z > 10-3.5 Zsun)
• cooling due to coupling between 

gas and dust 
(Z > 10-5...-6 Zsun)

• which one is explains origin of  
extremely metal-poor stars
NB: lines would only make 
very massive stars, with 
M > few x10 Msun.



transition: Pop III to Pop II.5
SDSS J1029151+172927 
• is first ultra metal-poor star with Z 

~ 10-4.5 Zsun for all metals seen (Fe, 
C, N, etc.)
[see Caffau et al. 2011]

• this is in regime, where metal-lines 
cannot provide cooling
[e.g. Schneider et al. 2011, 2012, Klessen et al. 2012]

Caffau et al.: An extremely primordial star

the low height on the Galactic plane (Z ∼ 1.0 kpc) may suggest a
Thick Disk orbit, this can be safely ruled out. The orbit solution
indicates that the star belongs to the Halo with the maximum
height above the galactic plane Zmax = 4.8 ± 0.4 kpc, the orbital
apocenter at Rmax = 9.6 ± 0.6 kpc, and is plunging towards the
Galactic centre, with orbital pericenter Rmin = 0.9± 0.1 kpc. See
Fig. 5. Adopting the proper motion values obtained in the previ-
ous section from the positions after 1990.0 we obtain a similar
orbit with a more extreme orbital pericenter Rmin = 0.4±0.1 kpc.
An even more extreme value of 0.2 ± 0.1 kpc is obtained in the
case we adopt a null value of the proper motion.

4.5. Abundances

Very few lines are measurable in the X-Shooter spectrum. The
Mg i-b triplet is not visible. Of the IR Ca ii triplet lines, only the
one at 854.2 nm is clearly visible, but it is contaminated by a
feature produced by the sky subtraction. Some Fe i lines can be
guessed, not really measured. The only clearly detectable line is
the Ca ii-K line at 393.3 nm. Its EW of 49.2 pm is consistent with
an abundance of [Ca/H]=–3.9. But the measured radial velocity
is of –30 km s−1, comparable to the X-Shooter UBV arm resolu-
tion of 7 900, meaning that the line is contaminated by the com-
ponent from the interstellar medium (ISM). From the X-Shooter
spectrum, we can deduce that this spectrum belongs to an ex-
tremely metal-poor star and put an upper limit on the metallicity
of about –4.0 respect to the solar metallicity.

The UVES spectrum resolves the stellar and IS components
of the Ca ii-K and Ca ii-H line (see Fig. 6). The EW of the stel-
lar Ca ii-K line is of 27.7 pm, corresponding to abundance of
[Ca/H]=–4.47. We do not take this line as abundance indicator,
because it is difficoult to disentangle the stellar and IS compo-
nent.

In the UVES spectrum we can see line of iron peak elements
(Fe i, Ni i) and α-elements (Mg i, Si i, Ca i, Ca ii, Ti ii). For the
light elements, Li and C-N, we could find no evident signature
in the spectra, so that we can provide only upper-limit.

For the abundance determination we rely on line profile fit-
ting, because some lines happen to be blended (sometimes sev-
eral lines of the same element) and some lines lie on the wings of
hydrogen lines. We computed grid of synthetic spectra, with the
effective temperature and gravity of the star, varying in [Fe/H] by
0.2 dex. We fitted the Fe i features to derive the 1D-LTE [Fe/H].
To derive the abundances of the other elements, we computed
grids of synthetic spectra, with [Fe/H] fixed, by varying the
abundance [X/Fe], of the element X by 0.2 dex, and then fitted
the line profiles.

4.6. The Li abundance

A 3D-NLTE (Sbordone et al. 2010) Li abundance of 2.2 (Spite
plateau) would imply in this star an EW for the Li doublet at
670.7 nm of about 4.7 pm. Such a feature should be visible in
the observed spectra, but no sign of the line is detectable in the
range. In the X-Shooter spectrum, taking into account its S/N
and resolution, we expect, according Cayrel’s formula (Cayrel
1988), that the limit for a feature to be visible is of about 1.5 pm
(3 × σ), that would correspond to a A(Li)=1.7, close to the Li
abundance derived for the cooler component of the binary sys-
tem CS 22876-32 (González Hernández et al. 2008). From the
S/N of the UVES spectrum (160) an upper limit on the EW of
0.1 pm implies A(Li)< 1.1 at 5×σ gives or A(Li)< 0.9 at 3×σ.

Fig. 6. The range of the Ca ii H and K lines. From top to bot-
tom, the SDSS, the X-Shooter, and the UVES spectrum (solid
black), overimposed the synthetic profile with metallicity -4.5,
α-enhanced by 0.4 dex (solid green).

This implies that the star is far below the Spite plateau. This
may be linked to the fact that, at extremely low metallicities,
the Spite plateau displays a “meltdown” (Sbordone et al. 2010)
i.e. an increased scatter and a lower mean Li abundance. This
meltdown is clearly shown in the two components of the ex-
tremely metal-poor binary system CS 22876-32 ([Fe/H]=–3.6,
the primary with effective temperature 6500K, the secondary
5900K), that show a different Li content (González Hernández
et al. 2008). The primary lies on the Spite plateau, while the sec-
ondary lies below at A(Li)= 1.8. The reasons for this meltdown
are not understood, it has been suggested that a Li depletion
mechanism, whose efficiency is metallicity dependent, could ex-
plain the observations. If this were the case, the Li abundance in
SDSS J102915+172927 would result from an efficient Li deple-
tion due to a combination of extremely low metallicity and rela-
tively low temperature. If the star were a horizontal branch star
(Hansen et al. 2011) it would be normal for it to be Li depleted.
However, we have already argued that low gravities, compati-
ble with an HB status, are ruled out. A sub-giant status should
not imply a large Li depletion. The absence of Li could be ex-
plained if SDSS J102915+172927 were a “blue straggler to be”
(Ryan et al. 2002). In this case we would expect a measurable
line broadening, due to rotation. In our UVES spectra we cannot
derive any line broadening above what is due to the instrumental
resolution, which is set by the seeing. Therefore all available evi-
dence suggests that SDSS J102915+172927 is in an evolutionary
status from the Main Sequence to the sub-giant branch.
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Table 4. SDSS J102915+172927. Abundances. [X/H] from fit is given for log g f from the line-list of LP.

Element [X/H]1D N lines SH A(X)!
+3Dcor. +NLTE cor. + 3D cor + NLTE cor

C ≤ −3.8 ≤ −4.5 G-band 8.50
N ≤ −4.1 ≤ −5.0 NH-band 7.86
Mg i −4.71 ± 0.11 −4.68 ± 0.11 −4.52 ± 0.11 −4.49 ± 0.12 5 0.1 7.54
Si i −4.27 −4.30 −3.93 −3.96 1 0.1 7.52
Ca i −4.72 −4.82 −4.44 −4.54 1 0.1 6.33
Ca ii −4.81 ± 0.11 −4.93 ± 0.03 −5.02 ± 0.02 −5.15 ± 0.09 3 0.1 6.33
Ti ii −4.75 ± 0.18 −4.83 ± 0.16 −4.76 ± 0.18 −4.84 ± 0.16 6 1.0 4.90
Fe i −4.73 ± 0.13 −5.02 ± 0.10 −4.60 ± 0.13 −4.89 ± 0.10 43 1.0 7.52
Ni i −4.55 ± 0.14 −4.90 ± 0.11 10 6.23
Sr ii ≤ −5.10 ≤ −5.25 ≤ −4.94 ≤ −5.09 1 0.01 2.92

For Mg i, Si i, Ca i, and Fe i, which are the minority species
in the model 5811/4.0/−4.5, the main non-LTE mechanism is
the overionization caused by superthermal radiation of non-
local origin below the thresholds of the levels with Eexc = 2.2-
4.5 eV (λthr = 2240-3450Å). In the extremely metal-poor at-
mosphere, deviations of the mean intensity of ionizing ultravi-
olet radiation from the Planck function are much larger com-
pared with that for the solar metallicity model (Fig. 9) result-
ing in much stronger departures from LTE. Figure 10 shows that
all the levels of Mg i, Ca i, and Fe i and the three lowest levels
of Si i are strongly underpopulated in the line formation layers
of the 5811/4.0/−4.5 model. Here, we use the departure coef-
ficients, bi = nNLTEi /nLTEi , where nNLTEi and nLTEi are the statis-
tical equilibrium and thermal (Saha-Boltzmann) number densi-
ties, respectively. Non-LTE leads to a weakening of the Mg i,
Si i, Ca i, and Fe i lines and positive non-LTE abundance correc-
tions ∆NLTE = log εNLTE− log εLTE. We comment on the obtained
results for individual species.

The observed Mg i lines arise in the transitions 3p 3P◦ -
3d 3D (382.9-383.8 nm) and 3p 3P◦ - 4s 3S (517.2, 518.3 nm).
For each line, the upper level is depleted to a lesser extent with
regard to its LTE population than is the lower level. Therefore,
the line is weaker compared with its LTE strength not only be-
cause of the general overionization (bl < 1), but also because of
rising the line source function (S lu % bu/bl Bν) above the Planck
function (Bν) in the line formation layers. Here, bu and bl are the
departure coefficients of the upper and lower levels, respectively.
All the investigated lines have similar non-LTE abundance cor-
rection at the level of +0.2 dex from the calculations with SH =
0.1 ( Table 5). As expected, the departures from LTE reduce in
case of increased H i collision rates (SH = 1).

The effect of bu/bl > 1 resulting in S lu > Bν is more promi-
nent for the only available line of silicon, Si i 390.5 nm. Its lower
level 3p 1S follows the ground state of Si i inside log τ5000 <
−1.5 due to collisional coupling, and it is strongly underpopu-
lated in the line formation layers. For the upper level 4s 1P◦, its
coupling to the high-excitation levels turns out stronger than a
coupling to the lower excitation levels, and it tends to follow the
continuum, Si ii. This explains why Si i 390.5 nm has a larger
non-LTE correction of ∆NLTE = 0.34 dex (SH = 0.1) compared to
the corresponding values for the Mg i lines and why ∆NLTE only
slightly reduces when move to SH = 1 (Table 5).

For the resonance line of Ca i at 422.6 nm, the non-LTE
mechanisms are very similar to that for the Mg i lines. Calcium
is the only element observed in SDSS J102915+172927 in two
ionization stages. Ca ii dominates the element number density
over atmospheric depths. Thus, no process seems to affect the

Ca ii ground-state population, and 4s keeps its thermodynamic
equilibrium value. The levels 3d and 4p follow the ground state
in deep layers, and their coupling is lost at the depths outside
log τ5000 < −1 where photon losses in the weakest line 849.8 nm
of the multiplet 3d − 4p start to become important. In these at-
mospheric layers, bu/bl < 1 is valid for each investigated line
of Ca ii resulting in dropping the line source function above the
Planck function and enhanced line absorption. For the resonance
line Ca ii 393.3 nm, departures from LTE occur only in the very
core and ∆NLTE amounts to −0.07 dex. Non-LTE correction is
larger in absolute value for the IR lines of multiplet 3d − 4p,
849.8, 854.2, and 866.2 because of the overpopulation of the
lower level.

In case of the Fe i lines, their weakening is mainly due to ove-
rionization. In SDSS J102915+172927, we measured only the
low-excitation Fe i lines, with Eexc = 0-1.5 eV. For each line, the
source function is quite similar to the Planck function for each
investigated line, because all the levels with Eexc = 0-4.5 eV be-
have similarly (Fig. 10). With very similar behavior of the depar-
ture coefficients for the lower levels, we calculated very similar
non-LTE corrections, as can be seen in Fig. 11. ∆NLTE varies be-
tween 0.29 and 0.36 dex in the calculations SH = 0.1. Similarly
to the Mg i lines, departures from LTE reduce significantly for
SH = 1.

Although only an upper limit was estimated for the Sr abun-
dance, we performed the non-LTE calculations for Sr ii with
[Sr/Fe] = −5.1. Non-LTE leads to weakened Sr ii 407.7 nm line,
and ∆NLTE amounts to 0.16 dex in case of pure electronic colli-
sions taken into account in SE calculations and decreases down
to 0.12 dex for SH = 1. For Ti ii, we estimated a non-LTE cor-
rection of –0.01 dex, assuming that the departures from LTE for
the investigated Ti ii lines are similar to that for the Fe ii lines of
similar excitation energy and equivalent width.

5. The ISM towards the star SDSSJ102915+172927
The interstellar feature is well modeled with one single compo-
nent model providing column density of log (Na i) = 12.11±0.01
cm−2 and log (Ca ii) = 12.02 ± 0.04 cm−2. The broadening of
the lines is of 7.3 ± 1.1 km s−1 in the Ca ii lines and of 5.2 ±
0.1 km s−1in Na i suggesting that the turbulence is the dominant
broadening factor and that the two ions do not sample precisely
the same material with the Ca ii lines tracing ionised gas not de-
tected in Na i.

The Na i column density is consistent with that observed to-
wards η Leo which at an angular distance of few degrees shows
log N(Na i)=12.08 cm−2.
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(Caffau et al. 2011, 2012)

• new ESO large 
program to find 
more of these stars 
(120h x-shooter, 
30h UVES)
[PI E. Caffau]

(Schneider et al. 2011,2012, Klessen et al. 2012)



IMF

distribution of stellar masses depends on
turbulent initial conditions 
--> mass spectrum of prestellar cloud cores
collapse and interaction of prestellar cores
--> competitive accretion and N-body effects
thermodynamic properties of gas
--> balance between heating and cooling
--> EOS (determines which cores go into collapse)
(proto) stellar feedback terminates star formation
ionizing radiation, bipolar outflows, winds, SN



Introduction

Why is the formation of massive stars interesting?

Massive stars

govern matter cycle in galaxy

produce heavy elements

release large amounts of energy and momentum into ISM

Formation of massive stars is not understood!

begin hydrogen burning while still in main growth phase

star has to accrete despite high luminosities

Is the accretion terminated by feedback processes?

IMF (Kroupa 2002) Rosetta nebula (NGC 2237)

We want to address the following questions:
• how do massive stars (and their associated clusters) form?
• what determines the upper stellar mass limit?
• what is the physics behind observed HII regions?

high-mass star formation



(proto)stellar feedback processes
• radiation pressure on dust particles
• ionizing radiation
• stellar winds
• jets and outflows

ionization
- few numerical studies so far (e.g. Dale 2007, Gritschneder et al. 2009)

- detailed collapse calculations with ionizing and non-ionizing    
   feedback needed (see also work by Kuiper et al. 2011, 2012)

   - HII regions around massive stars are directly observable 
     --> direct comparison between theory and observations



• focus on collapse of individual high-mass cores...

- massive core with 1,000 M☉

- Bonnor-Ebert type density profile 
(flat inner core with 0.5 pc and rho ~ r-3/2 further out)

- initial m=2 perturbation, rotation with β = 0.05

- sink particle with radius 600 AU and threshold density 
of 7 x 10-16 g cm-3

- cell size 100 AU

Peters et al. (2010a, ApJ, 711, 1017), Peters et al. (2010b, ApJ, 719, 831), Peters et al. (2010c, ApJ, 725, 134)

numerical approach



• method:

- FLASH with ionizing and non-ionizing radiation using 
raytracing based on hybrid-characteristics

- protostellar model from Hosokawa & Omukai

- rate equation for ionization fraction

- relevant heating and cooling processes

- some models include magnetic fields

- first 3D MHD calculations that consistently treat both 
ionizing and non-ionizing radiation in the context of high-
mass star formation

Peters et al. (2010a,b,c)

numerical approach



Disk Fragmentation

−13.0−15.2−17.5−19.8−22.0

box size 0.324 pc

0.660 Myr 0.679 Myr 0.698 Myr

0.718 Myr 0.737 Myr

log10(dens) in g cm−3

disk is gravitationally unstable and fragments

we suppress secondary sink formation by “Jeans heating”

H II region is shielded effectively by dense filaments

ionization feedback does not cut off accretion!
Peters et al. (2010a,b,c)



Disk Fragmentation

−13.0−15.2−17.5−19.8−22.0

box size 0.324 pc

0.660 Myr 0.691 Myr 0.709 Myr

0.726 Myr 0.746 Myr

log10(dens) in g cm−3

all protostars accrete from common gas reservoir

accretion flow suppresses expansion of ionized bubble

cluster shows “fragmentation-induced starvation”

halting of accretion flow allows bubble to expand
Peters et al. (2010a,b,c)



influence of B on disk evolution

Peters et al. (2011)

in disk around high-mass stars, fragmentation is reduced but rarely fully suppressed
see Peters et al. (2011), Hennebelle et al. (2011), Seifried et al. (2011)



interplay of ionization and B-field

Peters et al. (2011)

The Astrophysical Journal, 729:72 (12pp), 2011 March 1 Peters et al.
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ralugerrilacirehps

box size 0.122 pc

0.655 Myr 0.651 Myr 0.653 Myr

0.647 Myr 0.669 Myr

25.920M 25.715M 25.920M

25.512M 26.800M

emission at 2 cm in mJy/beam

Figure 9. H ii region morphologies in run E. The figure shows synthetic maps of free–free emission from ultracompact H ii regions around the massive protostar at
different time steps and from different viewing angles. The cluster is assumed to be 2.65 kpc away, the full width at half-maximum of the beam is 0.′′14 and the noise
level is 10−3 Jy. This corresponds to typical VLA parameters at a wavelength of 2 cm. The protostellar mass of the central star which powers the H ii region is given
in the images. The black dots represent sink particles.
(A color version of this figure is available in the online journal.)

0.656 Myr

box size 0.162 pc

−4.0−4.0 −6.2−6.2 −8.5−8.5 −10.8−10.8 −13.0−13.0
log10 pmag in erg cm−3log10 pth in erg cm−3

Figure 10. Comparison of thermal and magnetic pressure for the data from the lefthand panels in Figure 5. The thermal pressure pth inside the H ii region (left) is
of comparable magnitude to the magnetic pressure pmag outside the H ii region (right). Thus, magnetic pressure plays a significant role in constraining the size of
expanding H ii regions. The black dots represent sink particles.
(A color version of this figure is available in the online journal.)

4. SUMMARY AND CONCLUSION

We have presented the first three-dimensional, RMHD col-
lapse simulation of massive star formation including heating by

both ionizing and non-ionizing radiation. We used sink particles
to represent accreting protostars. We compared the action of the
magnetic field in this high-mass star formation simulation to
the major ways that it acts in low-mass star formation. As we
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Figure 2. Slice along the z-axis in the weak-field run 26-4, at 2000
yr and 5000 yr after the formation of the first sink particle. The
two top panels show the density field and the poloidal velocity
vectors (black arrows). Note the different spatial scales between
the top and middle panel. The outflow velocity (vz , bottom panel)
and the density field after 5000 yr show a very turbulent structure
caused by internal shocks.
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Figure 3. Position-velocity (top) and position-density (bottom)
diagram for the weak-field run 26-4 after 5000 yr. The contours
have a logarithmic spacing. The bulk velocity increasing with dis-
tance. The maximum velocity show several clear peaks which are
attributed to internal shock fronts.
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Figure 4. Radial profiles of the outflow velocity (top) and the
density (bottom) at different vertical positions for the weak-field
run 26-4 after 5000 yr. The quantities are averaged azimuthally
before plotting. For z < 2000 AU the outflow velocity increases
towards the z-axis whereas at larger distances it has an almost
flat radial profile. The density profiles are rather flat showing only
small variations and a prominent jump associated with the bow
shock.
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centrifugal acceleration is not possible indicating that the
outflow is mainly driven by the toroidal magnetic pressure.
The expansion speed in this phase is almost the same in the
vertical and horizontal direction (see top panel of Fig. 2)
with the outer edge of the bubble coinciding with the po-
sition of the accretion shock at the disc edge. It is only in
this initial stage when we call the outflow a magnetic tower
flow (Lynden-Bell 1996, 2003). In contrast to the situation
at 5000 yr in this transient phase there is no acceleration
of gas from the disc. In fact, the gas is accelerated only at
the tip of the outflow. Therefore the situation differs signif-
icantly from the later stages. After ∼ 2000 yr a fast, well
collimated outflow component, the centrifugal driven jet de-
velops in the region close to the z-axis. The launching of the
jet coincides with the build-up of a well defined, extended (∼
100 AU) Keplerian disc whereas prior to that disc rotation
is mostly sub-Keplerian.

In summary, besides the magnetic field line structure,
the application of the criterion derived in this work strongly
indicates that the outflow is mainly driven centrifugally at
|z| ! 800 AU while the dynamics of Bφ gets more important
at large radii and larger heights where the flow is magneto-
centrifugally driven.

4.2 Strong field case 5.2-4

4.2.1 General properties

Next, we describe global properties of the outflow gener-
ated in run 5.2-4 which has a 5 times stronger initial mag-
netic field than run 26-4 (see Table 1). The outflow shown
in Fig. 7 reveals significant differences compared to the out-
flow in run 26-4 (compare Fig. 2). Whereas the latter is well
collimated with a collimation factor of ∼ 4, the former has a
rather sphere-like morphology expanding with roughly the
same speed in all directions, therefore also maintaining a
self-similar morphology for all times. The outflow velocities
reach values of up to 5 km s−1 about a factor of 2 - 3 lower
than in run 26-4. The expansion speed of the outflow is al-
most constant over time with a value of 0.28 AU yr−1 " 1.3
km s−1. This is noticeably smaller than the expansion speed
of 1 AU yr−1 observed in run 26-4. Consequently also the
bow shock structure in run 5.2-4 is less pronounced.

Furthermore, a closer inspection of the outflow in run
5.2-4 reveals that in particular close to the symmetry axis
and the centre of the bubble gas is still falling inwards even
at late times. Gas with outwards motion occurs mainly in
the outer wings. The outflow direction in the inner part is
almost radial and gets collimated at relatively large radii
of ∼ 500 AU. This is remarkably different to the situation
in run 26-4 where almost all the gas within the outflow
area is moving outwards and preferentially parallel to the
z-axis. A consequence of the complicated velocity structure
observed in Fig. 7 is the complex density structure show-
ing several shock-like features in the bubble. We find that
the flattened structure in the midplane is a strongly sub-
Keplerian disc with significant infall motions (see Paper I,
for a detailed discussion). The sub-Keplerian rotation is a
consequence of the strong initial magnetic field decelerat-
ing the rotation of the initial core via the magnetic braking
mechanism (Mouschovias & Paleologou 1980).
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Figure 7. Same as in Fig. 2 but for the strong-field run 5.2-4. The
outflow is poorly collimated and has significantly lower outflow
velocities than the outflow in run 26-4.

4.2.2 Launching mechanism

The different morphologies of the outflows in run 5.2-4 and
run 26-4 raise the question whether the underlying launching
mechanisms differ. Firstly, we examine the relative impor-
tance of the toroidal and poloidal magnetic field components
in the top panel Fig. 8. Here again – as in Section 4.1.2 – all

density in inner region
and early times

density on larger scales 
and later times

velocity on larger scales 
and later times 

weak B-field strong B-field



mass load onto the disk 
exceeds inward transport
--> becomes gravitationally 
unstable (see also Kratter & Matzner 2006, 
Kratter et al. 2010)

fragments to form multiple 
stars --> explains why high-
mass stars are seen in clusters

Peters et al. (2010a, ApJ, 711, 1017), 
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)



younger protostars form at larger radii

“burst” of 
star formation

mass load onto the disk 
exceeds inward transport
--> becomes gravitationally 
unstable (see also Kratter & Matzner 2006, 
Kratter et al. 2010)

fragments to form multiple 
stars --> explains why high-
mass stars are seen in clusters

Peters et al. (2010a, ApJ, 711, 1017), 
Peters et al. (2010b, ApJ, 719, 831),
Peters et al. (2010c, ApJ, 725, 134)



Accretion History
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Importance of Initial Conditions for SF 5

t = 14.3 kyr Mmm = 6.08 M�

Nsink = 1 Mtot = 6.08 M�

t = 14.4 kyr Mmm = 6.15 M�

Nsink = 2 Mtot = 6.20 M�

t = 14.5 kyr Mmm = 6.22 M�

Nsink = 4 Mtot = 6.36 M�

t = 14.7 kyr Mmm = 6.27 M�

Nsink = 4 Mtot = 6.42 M�

t = 14.8 kyr Mmm = 6.30 M�

Nsink = 6 Mtot = 6.56 M�
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column density [g cm�2]

Figure 2. Column density plots of the central region with the
disc around the most massive sink particle in run PL15-m-2. The
formation of secondary sink particles indicates the fragmenta-
tion into several objects, which quickly leads to the dissolution of
the disc. Spiral arms develop and redirect the gas away from the
central protostar, which gets starved of material. The box spans
roughly 4000� 2000 AU.
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Figure 3. Radial density profile round the central protostar in
run PL15-m-2. The gas density first increases in the immediate
proximity of the protostar due to the global infall. At later times,
the surrounding companions branch o� most of the gas, leading
to a continuous decrease of the density.
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Figure 4. Accretion rate onto spherical shells around the central
protostar in the cluster. Its accretion radius is indicated by rsink.
The plot shows several curves for t 6 14.3 kyr, where there is
only one sink particle (N = 1). Before the formation of secondary
protostars the accretion rate in the centre is roughly constant.
Immediately after surrounding companions have condensed out,
the accretion front moves to larger radii and starves the central
object. At later simulation times (t > 15.4 kyr) the accretion rate
varies, but stays very small for all curves.

increasing proximity to other protostars, their attraction as
an N -body system becomes stronger than the force between
protostars and gas. The protostars then dynamically decou-
ple from the filaments and accumulate in the central region
in a more spherically-symmetric configuration rather than
in a flat or string-like structure. The initial filaments get
dispersed in the central region because the N -body system
e⇤ciently stirs the gas. The mass accretion is shown in fig-
ure 6. Note that figure 5 only covers a small time range at
the beginning of the cluster formation, whereas figure 6 cov-
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Figure 4. Accretion rate onto spherical shells around the central
protostar in the cluster. Its accretion radius is indicated by rsink.
The plot shows several curves for t 6 14.3 kyr, where there is
only one sink particle (N = 1). Before the formation of secondary
protostars the accretion rate in the centre is roughly constant.
Immediately after surrounding companions have condensed out,
the accretion front moves to larger radii and starves the central
object. At later simulation times (t > 15.4 kyr) the accretion rate
varies, but stays very small for all curves.

increasing proximity to other protostars, their attraction as
an N -body system becomes stronger than the force between
protostars and gas. The protostars then dynamically decou-
ple from the filaments and accumulate in the central region
in a more spherically-symmetric configuration rather than
in a flat or string-like structure. The initial filaments get
dispersed in the central region because the N -body system
e⇤ciently stirs the gas. The mass accretion is shown in fig-
ure 6. Note that figure 5 only covers a small time range at
the beginning of the cluster formation, whereas figure 6 cov-
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Fragmentation-induced starvation in a complex cluster

gas density as function of radius 
at different times

mass flow towards the center as 
function of radius at different times

Girichidis et al. (2011a,b)
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summary

star formation is a complex multi-scale, multi-physics 
process, where different processes ALL contribute to 
the result 
(it is not possible to single out individual processes)

initial conditions are important and influence 
properties of forming star clusters 
(IMF, binarity, spatial distribution, kinematics, age spread, etc.)

thermodynamics is important 
(determines the dynamic response of the gas to “external” 
perturbations, say self-gravity, turbulence)

(radiative) feedback influences IMF, but probably to a 
lesser degree than dynamics
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